Key physical ingredients governing the evolution of massive stars are mass losses, convection and mixing in radiative zones. These effects are important both in the frame of single and close binary evolution. The present paper addresses two points: 1) the differences between two families of rotating models, i.e. the family of models computed with and without an efficient transport of angular momentum in radiative zones; 2) The impact of the mass losses in single and in close binary models.
Rotation
Present extended grids of massive star rotating models (see e.g. the review by Maeder & Meynet 2012 , and references therein) can be classified into two main families (note that this is true for both single and close binary evolution). The first family consists in models where the transport of the angular momentum is driven by meridional currents and shear instabilities according to the theory proposed by Zahn (1992) (see for instance the grid by Ekström et al. 2012) . We shall call these models, the shear models. The shear models allow a small contrast between the angular velocity of the convective core and the angular velocity of the surface to develop during the Main-Sequence phase as shown in Fig. 1 . The contrast is more pronounced in models starting with a slow initial rotation. This is due to the fact that when the initial rotation is smaller, the processes transporting the angular momentum are slower. Thus the contrast in rotation between the core and the envelope, that builds up during the Main-Sequence phase when the core contracts and the envelope expands, is less smoothed. In Fig 1 , the contrast deduced from asteroseismology for three stars are indicated by horizontal dotted lines. We see that for two stars, the measured values are compatible with those of initially slowly rotating models, while for the third one, the observed result is compatible with solid body rotation or with the models shown in Fig. 1 at a very early stage of the core H-burning phase. It is interesting to note that the good agreement with initially slowly rotating models is consistent with the fact that such asteroseismic estimates are only available for slow rotators.
The second family is composed from models computed with the dynamo mechanism proposed by Spruit (2002) . Among grids of massive star models computed with that theory we can mention for instance the grids by Brott et al. (2011) . We shall call these models, the magnetic models. This theory has been criticized by Zahn et al. (2007) , but we Fig. 1 : Variation of the ratio between the angular velocity of the core and the angular velocity at the surface as a function of the remaining mass fraction of hydrogen in the core during the core H-burning phase in 9 M models for a metallicity Z=0.014. The lines from top to bottom correspond to increasing initial rotation on the ZAMS, they correspond to initial surface angular velocities equal to 0, 10, 30, 50, 60, 70, 80, 90 and 95% the critical angular velocity (the critical angular velocity being the value for which the centrifugal acceleration balances the gravity at the equator). The ratios estimated by asteroseismology are indicated for a few cases as horizontal dotted lines (Aerts 2008 , and references therein). The models are those by Georgy et al. (2013). shall not develop here the arguments, we rather point a few similarities/differences when the outputs are compared with those of the shear models. Among the similarities, we can mention that, in the two families of models, the efficiency of the chemical mixing varies qualitatively in the same way when the initial rotation, mass and metallicity vary. For both families, when the rotation increases, the mixing becomes more efficient, the same occurs when the initial mass increases; when the metallicity increases, the mixing becomes less efficient. These similarities are striking because they are due to different physical reasons in both families (see a more detailed discussion in Song et al. 2016) .
Let us now turn to the differences. A main difference is that magnetic models produce nearly solid body rotating models during the Main-Sequence (MS) phase. If plotted in a figure like Fig. 1 , they would show quasi horizontal lines fixed at an ordinate equal to 1. Such model could be compatible with the case of θ Oph. A second difference is that the magnetic models, with no magnetic braking at the surface, all other characteristics being kept the same (mass, metallicity, initial rotation, age) are more efficiently mixed than shear models . This implies that magnetic models will for instance produce a homogeneous evolution (i.e. an evolution during which the chemical composition at the centre of the star is quasi the same as the chemical abundance at the surface) with an initial rotation that is smaller than for shear models. Fig. 2 show the time-averaged surface velocity for different magnetic models, single or in wide binaries (see the continuous black lines) and in close binaries (see the colored dashed lines), starting with different initial velocities. For these magnetic models, it suffices that the time-averaged surface velocity be above ∼250 km s −1 to follow an homogeneous evolution, while for shear models, much larger velocities are needed (see below). This last point can be illustrated comparing the evolution of the magnetic 39 M model computed with an initial rotation of 350 km s −1 by Szécsi et al. (2015) for the metallicity of IZw18. This model follows a homogeneous evolution. The corresponding shear model (initial mass of 40 M ) computed for an initial velocity of 393 km s −1 follows a regular, non-homogeneous evolution (Groh et al. in preparation) . Thus, the link between a given evolution (here for instance between homogeneous or non homogeneous evolution) and the initial rotation is thus very different depending on the type of models (shear and magnetic) considered. For a given initial distribution of velocities, the predicted outputs for a population of massive stars and in particular the populations of WR stars can therefore be significantly different. This has to be kept in mind when comparisons with observations are done.
At the moment, it is not possible to make strong conclusions about which kind of models would be the most representative of the behavior of the bulk of the real stars. Some indirect arguments as the angular momentum content in white dwarfs and neutron stars support magnetic models (Suijs et al. 2008; Heger et al. 2005) . The magnetic models allow to extract more angular momentum from the central The results corresponds to a companion having 2/3 the mass of the primary. The (blue) big dots show the models that follow a homogeneous evolution. The zone of homogeneous models lay is hatched in blue. The panels on the left column correspond to spin-down cases and the panels on the right column to spin-up cases for binaries. The figure is taken from Song et al. (2016, and see the text for more details on spin-up and spin-down cases.).
regions and thus predict final rotations for the compact remnants that are more compatible with the observations than the predictions of the shear models that predict too high rotation for these remnants. On the other hand, as indicated above, magnetic models predict solid body rotation during the MS phase, which is in contradiction with some asteroseismic constraints. Is there any possibility to reconcile the asteroseismic constraints and those coming from the measured rotation rates of young pulsars? Let us make here a few remarks: 1) the rotation of young pulsars might result from processes occurring at the time of the supernova explosion, or during the early phases of the new born neutron stars; 2) recent works have suggested other mechanisms to extract angular momentum from the core, very different from the theory by Spruit (2002) . One of them invokes a coupling between the core and the surrounding radiative layers by a fossil magnetic field (Maeder & Meynet 2014) . Fuller et al. (2015) suggests another way by demonstrating that internal gravity waves, excited via envelope convection during a red supergiant phase or during vigorous late time burning phases, may substantially spin down the core.
To make progresses, we need to find some additional discriminating observations that would allow to check which kind of models seem the most appropriate. It might be that shear models and magnetic models both occur in nature. In that case it is important to understand what are the causes of these different behaviors and what are their respective frequency. A possible way of differentiating these two kinds of models will be through the observations of stars in close binaries. As can be seen in the upper panel of Fig. 3 , shear models in close binaries show larger surface enrichments when the orbital period increases, while we have the reverse behavior in magnetic models (see the lower panel Fig. 3 ). This comes from the fact that in shear models, the mixing is driven by the gradients of Ω, while in magnetic models, the mixing is driven by Ω. In shear models, a larger orbital period imposes a slower rotation at the surface and thus a stronger contrast with the centre making the gradients of Ω stronger and the mixing stronger. In magnetic models, a larger orbital period imposes a lower value of Ω in the whole star and thus weakens the efficiency of mixing.
Mass loss rates
Mass loss rates by stellar winds and/or through mechanical winds when the star is rotating near the critical limit are also very important quantities relevant for WR star modeling. Actually the intensity of the winds prior the star enters the WR regime has a strong impact on the duration of the WR lifetime and hence on estimating quantities as the number ratio of WR to O-type stars. Higher the mass loss rates, longer will be the WR lifetime. This is illustrated for instance by looking at how, in the frame of single star models, the lifetime of 60 M models in the WR phase increases when the initial metallicity and therefore the mass loss rates increase (see for instance Fig. 7 in . On the other hand, mass loss rates during the WR phases may significantly change the durations of the various WR subphases. For instance, increasing the mass loss rate during the WN phase would reduce the duration of the WN phase and increases the duration of the WC phase, having a strong impact on the number ratios of WC to WN stars.
In order to know whether a given model has to be considered a WN or a WC star, the most precise procedure would be to compute the emergent spectrum compatible with the interior structure and then apply to this synthesized spectrum the same criteria of classifications, based on various line ratios, to assign a spectral WR subtype. At the moment, there is only one complete evolution for which spectra were computed all along the stellar life. This was done for a non-rotating 60 M model at solar metallicity by Groh et al. (2014) . It is interesting to compare the lifetimes obtained for the different evolutionary phases when spectral criteria are used and when more global criteria based on the effective temperature and the surface abundances are used (for a detailed comparison see Table 3 in Groh et al. 2014) . Some durations are the same whatever the spectral or the global properties are used. This is for instance the case for the total duration of the WR phase which differs by only half a percent between the two methods. Others are strongly affected. For instance, the spectral classification gives a much shorter WNL phase (the spectral duration corresponds to 8% the duration obtained by the global properties) and a much longer WNE phase (the spectral duration corresponds to about 2 times the duration obtained by the global properties). This spectral modeling, we see would be here particularly important for predicting number ratios involving WNL and WNE stars and for making comparisons with observed positions of this two types of stars in the HR diagram. Let us note that the mass loss rates used have an impact on the output spectra. More consistent models would be obtained if the mass loss rates would result from the model physics rather than from some empirical recipes.
Mass loss can also be triggered by mass transfer in a close binary system. This channel may be important to produce WR stars from lower initial masses or from lower metallicity regions for which the stellar winds alone are too weak to allow the formation of WR stars. An example of such an evolution for a 20 M plus a 15 M star is shown in Fig. 4 . Only the evolution of the primary is indicated. In the present calculations we did not account for rotation. At least for the primary this should not be a too severe problem, because after synchronization, the 20 M model would have a surface velocity of about 130 km s −1 which is a quite moderate velocity. Of course this assumes that the synchronization time is quite short (de Mink et al. 2009; Song et al. 2016) and does not imply any extra-mixing. The case of the secondary is however quite a different story since it may be spun up by accretion of matter coming from the primary.
In Fig. 4 , point A is the ZAMS. At point B, the radius of the primary reaches for the first time the Roche limit. The mass transfer episode lasts 2.3 My, and occurs between points B and G . Note that the strong mass losses occurs in two main events. The first occurs between points C and D (loss of a little more than 10 M in a time of about 0.5 My, thus a time-averaged mass loss rate of 2 10 −5 M y −1 ). The second event occurs between points E and G (loss of 3.6 M in about 0.1 My, thus a timeaveraged mass loss rate of 3.6 10 −5 M y −1 ). During these mass transfer events, the mass loss rates due to Roche Lobe Overflow can be up to 56 times stronger than the wind mass loss rates. The strong mass loss due to the first event makes the track to decrease in luminosity (evolution from C to D in 0.5 My). At the end of the core hydrogen burning the star contracts and the evolution goes from D to E and x in about 1.2 My. The point x corresponds to the end of the core H-burning phase. After the core H-burning phase, the core contracts, the envelope expands by mirror effects (evolution from x to F in about 1 My). The core helium burning begins in y, still in a mass transfer episode. In y, the star can be considered as a Wolf Rayet star of the WNL type according to the usual global criteria 1 . Due to strong mass losses, which reduce the H-rich envelope, the star evolves in the blue region of the HRD. From G to H, the luminosity decreases again a lot. During that phase, the total mass of the primary decreases by only 0.27 M , but it removes H-rich layers and the mass of hydrogen has an important impact on the radius of the star (see e.g. Fig. 5 and 10 in respectively Groh et al. 2013; Meynet et al. 2015a) . When the core, at the end of the core He-burning phase begins to contract, the envelope expands (evolution from H to z). In z the star enters into the WNE phase according to the global criteria 2 . The evolution from z to J corresponds to the contraction phase between the end of the core helium burning phase and the beginning of the core carbon phase. At J, the star has reached its final position in the HRD. The close binary evolution described above can therefore produce WR stars. Starting from larger orbital periods shifts the mass transfer at later time, may not produce WR stars and may give birth to redder positions for the progenitors of the core collapse supernova. We obtain that the upper limit for obtaining WR stars for systems composed of a 20 and a 15 M is around 6.2 days. All systems with shorter orbital period are predicted to produce some WR stars at a given point. The duration of the WR phase shown in Fig. 4 is a little longer than 1 My, thus quite significant. For comparison, a rotating single 60 M model at solar metallicity is predicted to be a WR star during 0.9 My . While this kind of evolution might indeed occur in nature, there are a few arguments indicating that it is probably not too frequent. Let us just mention three of them below. First, In case such an evolution would be common enough, one should find single-aged massive star populations where both red supergiants, originating from single or wide binary systems, and WR stars, coming from close binary systems, are observed. At the moment, the stellar clusters at the centre of the Galaxy (Liermann et al. 2012) and Westerlund 1 (Clark et al. 2005 ) present evidences for hosting both WR stars and red supergiants. In general however this is not the case. Second, such an evolution would produce low luminous WNL and WNE stars. At the present time, the observed lowest luminosities for these two types of stars are respectively 5.25 and 5.3 in Log L/L , while here we would have WN and WNE stars with luminosities below 4.9. A way out of this dilemma is either that the frequency of such an evolution is quite small, or that the WR star is hidden in the light of its more luminous companion. This last point can be checked, and will be discussed in a future paper (Barblan et al. in preparation) . Third, such an evolution would also produce blue supergiants (actually not the evolution presented in Fig. 4 but close binary evolution with longer orbital periods). Blue supergiants, after the mass transfer, will show a much smaller surface gravity than those coming from stages before the mass transfer. One will have therefore that the post mass transfer blue supergiants will populate a region of the flux weighted gravity luminosity relation that is not compatible with the present day observations (Meynet et al. 2015b) . Another and final point we would like to mention here is the following: interestingly, while the close binary scenario can produce low luminous WN stars, it fails in producing low luminous WC stars (at least from the evolution of the primary). According to the observed sample by Sander et al. (2012) , the lowest luminous WC stars have luminosities around 4.95. The end point of the evolution shown in Fig. 4 is still far from being a WC stars. It would still need to lose 1.5 M . Thus unless there is strong underestimates of the mass losses, there is no chance to produce low luminous WC stars through this channel for the mass range considered here. This leaves open the question of the origin of these low luminous WC stars.
